Using our population synthesis code, we found that the typical chirp mass defined by (m 1 m 2 ) 3/5 /(m 1 + m 2 ) 1/5 of Population III (Pop III) binary black holes (BH-BHs) is ∼ 30 M ⊙ with the total mass of ∼ 60 M ⊙ so that the inspiral chirp signal as well as quasi normal mode (QNM) of the merging black hole (BH) are interesting targets of KAGRA. The detection rate of the coalescing Pop III BH-BHs is ∼180 events yr
INTRODUCTION
The second generation gravitational wave detectors such as KAGRA 1 , Advanced LIGO 2 , Advanced VIRGO 3 and GEO
4
are under construction and the first detection of gravitational wave is expected in near future. The most important sources of gravitational waves are compact binary mergers such as the binary neutron star (NS-NS), the neutron star black hole binary (NS-BH), and the BH-BH. As the com-pact binary radiates gravitational wave and loses the orbital energy and the angular momentum, the compact binary coalesces. The merger rate of NS-NS can be estimated using the binary pulser observation (e.g., Kalogera, Kim, Lorimer et al. 2004a,b) . However NS-BH and BH-BH merger rates cannot be estimated using the observation since no such binaries have been observed so that they can be estimated only by the theoretical approach called the population synthesis. For Population I (Pop I) and Population II (Pop II) stars, the merger rates of compact binaries are estimated by Belczynski, Kalogera & Bulik (2002) ; Belczynski et al. (2007) ; a (2012); Dominik et al. (2012 Dominik et al. ( , 2013 .
In this paper, we focus on Pop III stars which were formed first in the universe with zero metal after the Big c 0000 RAS Bang. The formation process of Pop III stars has been argued by many authors such as Omukai & Nishi (1998) ; Bromm, Coppi & Larson (2002) ; Abel, Bryan & Norman (2002) ; Yoshida, Omukai & Hernquist (2008) ; Greif et al. (2012) . The simulations of rotating minihalo in the early universe suggest the formation of binaries and multiple star systems (Machida et al. 2008; Stacy, Greif & Bromm 2010 ). There are four reasons why we focus on Pop III binaries as gravitational wave sources.
Firstly, Pop III stars are more massive than Pop I stars (McKee & Tan 2008; Hosokawa et al. 2011 Hosokawa et al. , 2012 Stacy, Greif & Bromm 2012 ) so that Pop III binaries tend to be neutron star (NS) and BH. Secondly, the merger timescale of compact binaries due to gravitational wave is in proportion to the fourth power of the separation so that even the compact binary formed in the early universe can merge at present. Therefore, the Pop III compact binary mergers formed in the early Universe may be detected by gravitational wave detectors such as KAGRA. Thirdly, BH-BH and BH-NS binary formed from Pop III stars tend to be more massive than those formed from Pop I stars while the detectable distance of the chirp signal is proportional to 5/6 power of the chirp mass defined by (m1m2) 3/5 /(m1 +m2) 1/5 of the compact binary (Kinugawa et al. 2014) . This means that the detectable distance of Pop III compact binaries is longer than that of Pop I compact binaries so that even if the merger rate per comoving volume is smaller, the detection rate can be larger for Pop III BH-BH binaries. Fourthly, Pop III compact binaries as gravitational wave source were considered by Belczynski, , Kowalska, Bulik & Belczynski (2012) , they focused on Pop III stars of mass over hundred solar masses or only on the background. However the typical mass of Pop III stars is now considered as 10-100 M⊙ (Hosokawa et al. 2011 (Hosokawa et al. , 2012 due to the evaporation of the accretion disk by the strong ultra-violet photons from the central star. Therefore, Pop III binary population synthesis should be calculated with more realistic lower mass range.
In our previous study (Kinugawa et al. 2014) , we performed Pop III binary population synthesis with initial mass range of 10-100 M ⊙ . The results showed that Pop III binaries tend to be massive BH ones with chirp mass ∼ 30 M⊙. In our standard model, the detection rate of gravitational wave by the second generation detectors such as KAGRA is 140 · (SFRp/10 −2.5 M ⊙ yr
.33) · Errsys events yr
−1 where SFRp, f b and Errsys are the peak value of the Pop III star formation rate, the binary fraction 5 and the possible systematic error due to the assumptions in Pop III Monte Carlo population synthesis, respectively. Errsys = 1 corresponds to our assumption of binary parameters and initial distribution functions for our standard model. However, there are some uncertainties in binary evolution and initial distribution function of Pop III stars so that Errsys might not be unity. Therefore, in this paper, we perform Pop III binary population synthesis with several binary parameters and initial distribution functions to estimate the variability of merger rates and properties of Pop III compact binaries. That is, we estimate the possible range of Errsys to see if the event rate is larger than 1 yr −1 . In order to perform Pop III binary evolutions, we renewed Hurley's binary population synthesis code (Hurley, Tout & Pols 2002) in our previous paper (Kinugawa et al. 2014) . In this paper, we adopt the cosmological parameters of (ΩΛ, Ωm) = (0.6825, 0.3175), the Hubble parameter of H0 = 67.11 km s −1 Mpc −1 and the Hubble time t Hubble = 13.8 Gyrs (Planck Collaboration 2013) .
The readers of this journal might not be familiar with the quasi-normal mode of BH in the title of this paper so that we will briefly explain what is the quasi-normal mode of BH here. Let us consider the Schwarzschild BH of mass M and a small particle of mass m ≪ M falling into this BH. If the specific angular momentum (L) of the particle is smaller than 4GM/c, the particle spirals into the BH. At first the gravitational wave depending on L is emitted but in the final phase the damped gravitational wave is observed as is shown in Figs. 5-4 of (Nakamura, Oohara & Kojima 1987) . The wave form of this damped gravitational wave is expressed by e i(ωr +iω i )t where ωr and ωi depend only on the mass of BH M but not on L. Since ωi > 0 in general, this damped oscillation is called the ringing tail or quasi-normal mode. Chandrasekahr & Detweiler (1975) ; Leaver (1985 Leaver ( , 1986 obtained the complex frequency of quasi-normal modes including Kerr BH case. For the case of Schwarzschild BH, using the WKB approximation, Schutz & Will (1985) showed that ωr and ωi are determined by the space-time inside 3GM/c 2 , that is, the space-time near the event horizon so that the detection of the expected quasi-normal mode of the BH can confirm General Relativity in the strong gravity region. If it is different from the expected value, the true theory of gravity is different from the General Relativity. This paper is organized as follows. We describe the models and the calculation method of Pop III binary population synthesis simulations in §2. Results of our calculation such as the properties and the merger rates of Pop III compact binaries are shown in §3. The discussion & summary are presented in §4.
THE METHOD OF BINARY POPULATION SYNTHESIS SIMULATIONS
In order to perform Pop III binary evolutions, we use Pop III binary evolution code (Kinugawa et al. 2014) which is upgraded from BSE code 6 (Hurley, Tout & Pols 2002) for the Pop I stars to Pop III stars case. The result of binary evolutions depends on binary evolution parameters and initial distribution functions such as common envelope (CE) parameters αλ, the lose fraction β of transferred stellar mass, the natal kick velocity, the initial mass function (IMF), the initial eccentricity distribution function (IEF) and others while the details of these parameters and distribution functions will be shown later. We perform Monte Carlo simulations using 10 6 zero age main sequence (ZAMS) binaries for each model. Table 1 shows the parameters and distribution functions of each model. Each column represents the model name, the IMF, the IEF, the natal kick velocity of supernova, the CE parameter αλ and the lose fraction β of transfer of stellar matter at the Roche lobe over flow (RLOF) in each model. Model name "worst" means the worst combination of the parameter and distribution functions each model, we calculate 6 cases with different mass range and the merger criterion at the CE phase so that the total number of the models is 84.
Firstly, we use three mass range cases such as the under100, the over100 and the 140. In the under100 case, the initial mass range is 10 M ⊙ M 100 M ⊙ . If the stellar mass becomes over 100 M ⊙ by the binary interaction, the binary evolution calculation is stopped because of no fitting formula of the Pop III star evolution for M > 100 M ⊙ ( Kinugawa et al. 2014) due to the lack of numerical data of the evolution of Pop III star. This treatment is the same as that in Kinugawa et al. (2014) . In the over100 case, the initial mass range is also 10 M ⊙ M 100 M ⊙ . However, in this case, if the stellar mass becomes larger than 100M ⊙ by the binary interaction, the binary evolution calculation continues by extrapolating the fitting formula of the evolution beyond 100 M ⊙ . In the 140 case, the initial mass range is 10 M ⊙ M 140 M ⊙ . We use the extrapolated fitting formula up to M = 140 M ⊙ . The reason for up to 140 is that Pop III star of mass larger than 140M ⊙ explodes with no remnant (Heger et al. 2003) .
We randomly choose the initial stellar mass from these mass ranges with the initial distribution functions such as the flat IMF, the log flat IMF and the Salpeter IMF (See §2.1 and 2.2.1). If the stellar mass is over 140 M ⊙ at the supernova, the binary evolution is stopped because such a high mass star becomes pair instability supernova without compact remnant (Heger et al. 2003) . Numerical simulations of Pop III star formation by (e.g., Hosokawa et al. 2011 Hosokawa et al. , 2012 Stacy et al. 2012) suggest that the Pop III protostar grows only up to ∼ several 10 M ⊙ and the typical mass of Pop III star can be about 40 M ⊙ . In recent simulations (Hirano et al. 2014; Susa et al. 2014) , the typical mass is almost the same as previous study, that is, 40 M ⊙ , however, the some Pop III stars can be more massive than 100 M ⊙ . Therefore, we use the initial mass range as 10 M ⊙ M 140 M ⊙ in the 140 case and study the influences of high mass Pop III binaries for the event rate of gravitational wave sources.
Secondly, we use two merger criteria at the CE phase such as the optimistic core-merger criterion and the conservative core-merger criterion (Hurley et al. 2002; Belczynski et al. 2002; Kinugawa et al. 2014 ). In the case of the optimistic core-merger criterion, if the condition
is fulfilled, the primary star merges with secondary star, where
are the primary stellar radius, the Roche lobe radius of the primary star, the secondary stellar radius and the Roche lobe radius of the secondary star after the CE phase, respectively (Hurley et al. 2002) . On the other hand, the conservative core-merger criterion is R ′ 1 + R ′ 2 > a f , where a f is the separation after the CE phase (Belczynski et al. 2002) .
Brief review of Paper I; our standard model
In this paper, our standard model is the same as the model III.f in Kinugawa et al. (2014) . In this section, we review the model III.f in Kinugawa et al. (2014) briefly. The details are shown in Kinugawa et al. (2014) . In order to simulate the binary evolution, we need to choose initial binary parameters such as the primary mass, the mass ratio, the separation and the eccentricity. These parameters are decided randomly by the initial distribution function and the Monte Carlo method. In our standard model, we adopt the flat initial distribution function for the primary mass, the flat function for the mass ratio f (q) ∝ const. (Kobulnicky & Fryer 2007; Kobulnicky et al. 2012) , the log flat function for the separation f (a) ∝ 1/a (Abt 1983 ) and the thermal equilibrium distribution function of the eccentricity ∝ e (Heggie 1975; Duquennoy, Mayor & Halbwachs 1991) . We use these initial distribution functions except the IMF referenced by the Pop I stars observations because there are no observations suggestions of Pop III binaries initial distribution functions. As for the IMF, some simulations suggest the flat or the log flat IMF (Hirano et al. 2014; Susa, Hasegawa & Tominaga 2014) . Using these initial distribution functions, we put the ZAMS binary and start the evolution of the binary. In order to calculate each stellar evolution, we use the formula fitted to the numerical calculations of Pop III stellar evolutions by Marigo et al. (2001) . This fitting formula is described by the stellar radius and the core mass as a function of the stellar mass and the time from the birth of each star. The details of fitting equations for Pop III are shown in Kinugawa et al. (2014) . We can calculate the evolution the binary adding the binary interactions to the Pop III star evolution using the fitting formula. We also need to consider the binary interactions such as the tidal friction, the Roche lobe over flow, the CE phase, the effect of the supernova explosion and the back reaction of the gravitational wave.
Firstly, we review the tidal friction. The tidal force from the companion star changes the stellar radius and the shape. In general, the stellar spin angular velocity is different from the orbital angular velocity. Therefore the vector of the tidal deformation is different from the vector of the tidal force so that the tidal torque is generated. The tidal torque transfers the angular momentum from the stellar spin to the orbital angular momentum. This interaction changes the binary separation, eccentricity and the spins of each star.
Secondly, we review the RLOF. When the star evolves and the stellar radius becomes large, the stellar matter is captured by the companion star and is transferred to the companion star. This phenomenon is called as the RLOF. We call the donor star as the primary star. The recipient star is called as the secondary star. The region within which the stellar material is gravitationally bound to the star is called as the Roche lobe radius of that star. If the primary stellar radius becomes larger than the Roche lobe radius, the primary stellar matter migrates to the secondary star. We define a coefficient β as the lose fraction of transferred stellar mass descrived aṡ
In this case, the accretion rate to the secondary star and β is determined by the method of Hurley et al. (2002) . If the secondary star is in the main sequence phase or in the He-burning phase, we assume the accretion rate is expressed byṀ
whereṀ1 is the mass loss rate of the primary star and τṀ is the accretion time scale defined as
The Kelvin-Helmholtz timescale τKH,2 is defined as
where M2, Mc,2, L2 and R2 are the secondary stellar mass, the core mass, the luminosity and the radius of the star, respectively. If the secondary star is in the He-shell burning phase, we assume the secondary star can get all matter of the primary. Thus,Ṁ In our standard model, we use β function defined by Eq. (2) which is computed by the fitting formulae by Hurley et al. (2002) . However, the accretion rate of the secondary which is not a compact object, is not understood well so that we use also the accretion rate of the secondary described by the constant β parameter (For details see §2.2.5).
If the secondary star is a compact object such as NS and BH, we always use β = 0 and the maximum of the accretion rate is limited by the Eddington mass accretion rate defined
where κT = 0.2(1 + X) cm 2 g −1 is the Thomson scattering opacity and X(= 0.76) is the H-mass fraction for Pop III star.
When the primary star is a giant and the mass transfer is dynamically unstable, the secondary star plunges into the primary envelope and the binary enters the CE phase. In this phase, the friction between the primary star and the secondary star yields the loss of the angular momentum of the secondary to decrease the binary separation, while the envelope of the primary is evaporated by the energy liberated through the friction. Consequently, the binary either becomes the close binary or merges during the CE phase. Now we define ai, a f , M1, Mc,1, Menv,1 and R1 as the separation before the CE phase, the separation after the CE phase, the primary mass, the primary core mass, the primary envelope mass and the primary separation, respectively. The separation after the CE phase is calculated by the energy formalism (Webbink 1984) 
where α and λ are the efficiency and the binding energy parameter, respectively. In our standard model, we adopt αλ = 1. In our calculation, we adopt two merger criteria during the CE phase which is shown already in the last paragraph of §2 before §2.1.
When the supernova explosion occurs, the sudden mass ejection and the natal kick make the binary obit to change drastically. In our standard model, we adopt the natal kick velocity equal to zero. In this case, the binary orbit changes only by the mass ejection effect in the supernova event. The separation and the eccentricity after the supernova explosion are described as
where M total is the total mass, the superscript ′ means the value after the supernova while v, v and r are the relative speed, the relative velocity and the separation vector before the supernova, respectively (Blaauw 1961) .
After the binary becomes the compact binary due to above binary interactions, the orbit of the binary shrinks by the emission of the gravitational waves. The separation and the eccentricity are given bẏ 
(1 − e 2 ) 5/2 (11) (Peters & Mathews 1963; Peters 1964) . We calculate the binary evolutions taking account all these binary interactions and estimate how many binaries become the compact binaries which merge within the Hubble time.
Parameter Surveys
To estimate the range of Errsys, we calculate the binary population synthesis using other initial distribution functions and binary parameters since for Pop III stars we have no information on these functions and parameters. However in this paper we do not take into account the dependence on the initial separation function and the initial mass ratio function because unlike an initial eccentricity functions, there are no suggestions for other distribution functions for massive binaries although possible dependence of Errsys on the change of these initial distribution functions is discussed in §4 (Discussion).
log flat IMF and Salpeter models
These models correspond to the log flat IMF, that is IMF∝ d log(M ), and the Salpeter IMF. In recent numerical simulations (Hirano et al. 2014; Susa et al. 2014) In these models, the IEF are changed from our standard model. In general the initial eccentricity distribution might be the thermal-equilibrium distribution (IEF:2e) (Heggie 1975) . However in recent observation of massive binaries, the eccentricity distribution is not the thermal-equilibrium distribution. The observation of massive multiple-star systems in the Cygnus OB2 (Kobulnicky et al. 2014) implies that the observed IEF is consistent with uniform one. On the other hand, the observation of massive binaries (M > 15 M ⊙ ) (Sana et al. 2012) suggests that the power law for the distribution function of eccentricity as proptoe −0.5 . Thus, we calculate these two initial eccentricity distribution function models. The other initial distribution functions and binary parameters are the same as in our standard model. Hansen & Phinney 1997) . Since the NS kick velocity either disrupts the binary or increases the separation, the formation rate and the coalescing time of the NS-NS and the NS-BH depend on the NS kick velocity. On the other hand, the formation rate and the coalescing time of the BH-BH might have nothing to do with the natal kick velocity because the BH progenitor directly collapses to the BH. However, Repetto, Davies & Sigurdsson (2012) suggests that the stellar mass BHs have the natal kicks comparable to NSs from the distance distribution of the Galactic BH (low mass X-ray binaries) above the galactic plane. Pop III BH-BHs are massive, so that they may not have such natal kick as stellar mass BHs. However there is no observation of Pop III BHs. Thus we cannot definitely claim that Pop III BHs do not have natal kicks. Therefore, we take into account the natal kick for both NS and BH. In order to estimate the dependence on the natal kick, we calculate two models. In these models, when stars become compact objects such as NS and BH, we assume that the natal kick speed v k obeys a isotropic Maxwellian distribution as
where σ k is the dispersion. In the kick 100 km s −1 model and kick 300 km s −1 models, we uses σ k = 100 km s −1 and σ k = 300 km s −1 , respectively. The details of the method how to calculate the natal kick are shown in Hurley et al. (2002) . The other initial distribution functions and binary parameters are the same as in our standard model.
2.
2.4 αλ = 0.01, αλ = 0.1 and αλ = 10 models If the primary star becomes a giant and it begins dynamically unstable mass transfer so that the secondary star can be engulfed into the envelope of the primary star. In such case, the binary enters the CE phase. Once the secondary star is swallowed up by the envelope of the primary star, it spirals into the core of the primary star due to the orbital energy and angular momentum loss by the friction. It is assumed that this spiral-in continues until all the envelope of the primary star is ejected from the binary system. The separation after the CE phase a f is calculated using CE energy balance prescription of Eq. 7
However CE parameters are uncertain. In general, it is assumed that αλ = 1 since only αλ is the meaningful parameter. Our standard model uses αλ = 1. However, these parameters can be other values. Therefore, we calculate three cases of the CE parameters as αλ = 0.01, 0.1, 10. The other initial distribution functions and binary parameters are the same as in our standard model.
2.5 β = 0, β = 0.5 and β = 1 models If the primary star fulfills Roche lobe and it begins dynamically stable mass transfer, the secondary gets the mass from the primary star. β is called as the lose fraction of transferred stellar mass defined as Eq. 1. It is considered that β varies depending on the binary (e.g. Eggleton 2000) . In binary population synthesis study, β is treated as a function or the constant parameter. In our standard model, we use β as a function (See section 2.1). On the other hand, in other studies β is treated as the constant (e.g. Belczynski et al. 2002) . Thus, we estimate the variabilities of result for three constant β cases. The other initial distribution functions and binary parameters are the same as in our standard model. Furthermore, if the mass transfer is nonconservative (β > 0), the criterion of the stability of the mass transfer should be changed from the criterion of (Kinugawa et al. 2014; Hurley et al. 2002) because this criterion assumes that the mass transfer is conservative. We use the criterion of Eggleton (2011) as
where RL,1 and q1 = M1/M2 are the Roche lobe radius and the mass ratio. If ζ ad = dlogR ad,1 /dlogM1 < ζL where R ad is the radius when the star reaches hydrostatic equilibrium, the binary starts the dynamically unstable mass transfer.
Worst model
In this model, we adopt the initial conditions and binary parameters which make the worst result in IMF, IEF, kick, αλ and β (See Section 3). Namely we adopt IMF:Salpeter, IEF:e −0.5 , kick 300 km s −1 , αλ = 0.01 and β = 1. We, however, think that this worst case is unlikely so that the worst case will teach us the minimum merging rate of Pop III BH-BHs. Note that other combination of parameters may yield even lower rates. However, we cannot calculate and check all 3 × 3 × 3 × 4 × 4 = 432 models. Thus, we choose the worst parameters from each parameter region.
RESULTS

The properties of Pop III compact binaries
In order to study the property of Pop III compact binaries, we now show the number of the compact binary formations, the number of the compact binaries which merge within 15 Gyrs and the distribution of the BH-BH chirp mass. The details of the difference between each model will be shown in the following sub-sections (a) to (g). Tables 2 to 15 show the numbers of NS-NS, NS-BH and BH-BH binaries for each model from the initial 10 6 zero age main star binary. The meanings of under 100, over 100 and 140 are explained in the first paragraph of §2. The title of each table comes from the change of some parameter or that of IMF or IEF from our standard model. In each table we also tabulated the number of the compact binaries which merge within 15 Gyrs. The numbers in the parenthesis are for the case of the conservative core-merger criterion while those without the parenthesis are for the case of the optimistic core-merger criterion. The meanings of these two criteria were explained in the last paragraph of §2 before §2.1
In most cases, the number of merging NS-NSs and merging NS-BH are very small or zero as one can notice easily from Tables 2 to 14. The reasons are as follows. The wind mass loss and the mass loss by the binary interactions are not so effective for the Pop III binaries because of the zero metallicity and smaller radius of Pop III stars so that the Pop III binaries tend to disrupt or to increase the separation by the supernova mass ejection (Kinugawa et al. 2014 ). Therefore we focus on the description of the BH-BHs. Figs. 1 to 14 show the chirp mass distribution of BH-BH binaries which merge within 15Gyr for each model. In each figure, the red, green, blue, pink, light blue and grey lines correspond to under100 case with optimistic core-merger criterion, over100 case with optimistic core-merger criterion, 140 case with optimistic core-merger criterion, under100 case with conservative core-merger criterion, over100 case with conservative core-merger criterion and 140 case with conservative coremerger criterion, respectively. One can see that in all models, the peak of the observable chirp mass distribution is about 30 M ⊙ . Pop III binaries with each mass M < 50 M ⊙ are unlikely to be the CE phase. They evolve via some mass transfer phases and their mass loss is smaller than the evolution passes via a CE phase. They tend to lose 1/10-1/3 of their mass so that they tend to be 20-30 M ⊙ BH-BHs. Pop III binaries with each mass M > 50 M ⊙ are likely to be the CE phase and they lose 1/2-2/3 of their mass so that they tend to be 25-30 M ⊙ BH-BHs too. Therefore, the peak of chirp mass become 25-30 M ⊙ .
Figs. 15 to 20 show the dependence of merger time distribution of BH-BH binaries for each model. In each figure, we describe under100 cases with optimistic core-merger criterion because the merger time distributions do not change a lot in other cases and core-merger criteria. The most important characteristic is that the merger rate for t > 10 9.5 yr is almost constant for every model.
(a)our standard model
Under100 case is the same as the result of the model III.f in Kinugawa et al. (2014) . Over100 case is equal to the result of under100 case plus the binaries whose star becomes more massive than 100 M ⊙ by the mass transfer so that the number of massive BH-BH mergers in over100 case is more than that of the under100 case (See Fig. 1) . Thus, the number of Pop III BH-BHs which merge within 15 Gyrs in over100 case increases about ten percent compared to the that of under100 case (See Table 2 ). However, the peak of the chirp mass is not changed (See Fig. 1 ) In 140 case the peak of the chirp mass distribution (Fig. 1) is almost the same as that of under100 and over100 cases, but the chirp mass distribution of 140 case has tail in the region of 25-60 M ⊙ since the high mass Pop III binaries (> 100 M ⊙ ) tend to be high mass BH-BHs (40-60 M ⊙ ) via the CE phase. The event rate of high chirp mass BH-BHs is large because the
chirp . The tail of chirp mass distribution dN/dM in 140 case is proportional to M −5/2 in the range of 25-60 M ⊙ .
(b) log flat and Salpeter IMF models
In these models, the initial masses tend to be smaller than that of our standard model. Thus, the numbers of the BH-BH formations and merging BH-BHs decrease because the BH-BH progenitors decrease due to IMFs (See Table 3 and 4). On the properties of the chirp mass distributions in the log flat and Salpeter IMF models, the number of merging BH-BHs where each mass is more massive than 30 M ⊙ is smaller than our standard model due to the steepness of IMFs. However, the peak mass is independent on the IMF (See Figs. 2 and 3) . In 140 cases, the chirp mass distribution dN/dM of IMF for log flat model is proportional to M −3
and that of Salpeter model is proportional to M −3.9 in a range of 25-60 M ⊙ . In Fig. 15 , the shape of each merger time distribution is almost the same independent of IMFs, although the number of BH-BHs decreases dependent on the steepness of IMF.
(c)IEF:const. and e −0.5 models In these models, the initial eccentricities tend to be smaller than that of our standard model. If the initial eccentricity is small, the decrease of the separation by binary interactions such as the tidal friction and the gravitational radiation is suppressed. Thus, the merger rate by the binary interaction decreases. Therefore, the number of BH-BH formation rate increases while the number of merging BH-BHs deceases although the influence to the merger rate is very small (See Table 5 and 6). The properties of the chirp mass distributions are almost the same as in our standard model (See Fig.  4 , 5). The properties of the merger time distributions are almost the same as in our standard model too (See Fig. 16 ). We can say that the effect of the eccentricity distribution is not so large.
(d)kick 100 km s −1 and kick 300 km s −1 models
In these models, the natal kick disrupts binaries or makes their orbits wide and eccentric. Firstly, we argue the kick 100 km s −1 model. The number of the BH-BH formations decreases by the natal kick compared to our standard model. However, the number of merging BH-BHs becomes about 1.5 times larger than that of our standard model (See Table 7 ). The merger timescale by the gravitational radiation is given by .
where a0 and e0 are the separation and the eccentricity when the BH-BH is formed. Thus, the BH-BHs whose separation is larger than about 50 R⊙ cannot merge within Hubble time. On the other hand, the escape velocity and the orbital velocity of the binary system are given by
= 500 km s
where a is the separation. Equations 15-18 tells us that even though the kick velocity which is 100 km s −1 is aligned with the orbital velocity, the BH-BH progenitors whose separation is smaller than 43 R⊙ cannot be disrupted by the natal kick. Therefore, the BH-BHs disrupted by the natal kick of 100 km s −1 rarely contribute to the merger rate of Pop III BH-BHs from the beginning. While the increase of the eccentricity by the natal kick reduces the merger timescale due to the gravitational waves since Tmerge(e) ∼ (1 − e 2 ) 7/2 Tmerge(e0 = 0) (Peters & Mathews 1963; Peters 1964) , so the number of merging BH-BHs is larger than that of our standard model. The chirp mass distribution is, however, almost the same as that of our standard model (See Fig. 6 ). In Fig. 17 , the merger time distribution of the kick 100 km s −1 model is almost the same as in our standard model. However, the number of merging BH-BHs which merges at the early universe is larger than that of our standard model due to the increase of the eccentricity by the natal kick.
Secondly, we argue the kick 300 km s −1 model. The number of the BH-BH formations decreases by the natal kick compared to our standard model and the kick 100 km s −1 model. The number of the merging BH-BHs also decreases unlike the kick 100 km s −1 model. The reasons are that the sum of the orbital velocity and the kick velocity sometimes can exceed 500 km s −1 and that if the binary was not disrupted, the separation of compact binaries tends to extremely widened by the high natal kick velocity. Thus, the many binaries will be disrupted and the coalescence time of the survived binaries due to the emission of the gravitational wave tends to be so long that the Pop III binaries cannot merge within 15 Gyrs. Especially, the low mass binaries are more susceptible to this effect than the massive binaries. The chirp mass distributions is also changed and the peak mass region moves to a little more massive than that of our standard model (See Fig. 7 ). In Fig. 17 , the merger time distribution of the kick 300 km s −1 model is different compared to our standard model. The number of BH-BHs which merge at the early universe is larger than that of our standard model due to the increase of the eccentricity by the natal kick. On the other hand, the progenitors of BHBHs which have large separation but can merge within the Hubble time in our standard model tend to be disrupted by the natal kick. Thus, the number of merging BH-BHs which have large merger time decrease.
(e)αλ = 0.01, αλ = 0.1 and αλ = 10 models In these models, the CE phase results in the merger of binary or the change of the separation. The separation after the CE phase is determined by the CE parameter αλ. If αλ is small, the separation after the CE phase tends to be small and to merge during the CE phase due to the increase in the loss of the orbital energy. Easily the binary does not survive during the CE phase. But if binary survives during the CE phase, the binary easily merges by the large luminosity of GW emission due to the tight orbit. On the other hand, if αλ is large, the separation after the CE phase tends to be large due to the decrease in the loss of the orbital energy. Thus, the binary tends to survive during the CE phase. When the binary survives in the CE phase, however, it is hard to merge due to the small luminosity of GW.
Firstly, we consider αλ = 0.01 model. In this case, the number of the BH-BH formations decreases and the number of the merging BH-BHs becomes about 1/3 as large as our standard model. The parameter αλ is so small that the almost all binaries merge during the CE phase. The Pop III giant with initial mass larger than 50 M⊙ can enter the CE phase and these binaries tend to merge. Thus, the survived binaries evolved via the RLOF. The binaries which evolved via the RLOF tend to be smaller than 50 M ⊙ and the massive binaries merge more easily. Thus, in the chirp mass distribution (Fig. 8) , the number of the merging high mass BH-BHs becomes smaller than our standard model. Especially, 140 case is easily affected by these effects. In Fig. 18 , the shortest merger time is larger than that of our standard model, because almost all progenitors of BH-BHs merge during the CE phase.
Secondly, we consider the αλ = 0.1 model. In this case, the number of the BH-BH formation decreases compared with our standard model. While, the number of the merging BH-BHs is almost the same as that of our standard model. Owing to the small αλ, the binary does not tend to survive during the CE phase. But if binary survives in the CE phase, the binary becomes close binary and easy to merge due to the emission of GW. Thus, the number of the merging BH-BHs does not decrease. In 140 case, the number of merging BH-BHs which are low mass becomes larger than our standard model (See Fig. 9 ) because the low mass BHBHs can merge more easily than our standard model due to moderately small αλ. In Fig. 18 , the shortest merger time is smaller than that of our standard model due to moderately small αλ. αλ is small but the binaries which become the CE phase do not tend to merge during the CE phase and they have close orbit due to small αλ.
Thirdly, we consider the αλ = 10 model. In this case, the number of the BH-BH formation increases compared with our standard model. While the number of the merging BH-BHs decreases compared with our standard model. αλ is so large that the separation after the CE phase tends to become large and the binary does not merge during the CE phase. Thus, the number of the BH-BH formations increases. But, due to the large separation the BH-BH binary does not merge within 15 Gyrs. Therefore, the number of the merging BH-BHs decreases. On the other hand, the number of merging high chirp mass BH-BHs is more than our standard model (See Fig. 10 ), because the BH-BHs which are formed after the CE phase tend to have wide orbit due to high αλ and the wide massive BH-BHs can merge more easily than the wide low mass BH-BHs. Especially, in 140 case this effect is remarkably clear. In Fig. 18 , the shortest merger time becomes larger than that of our standard model and the number of merging BH-BHs which merge at the early universe is smaller than that of our standard model due to the same reason.
(f )β = 0, β = 0.5 and β = 1 models In these cases, the accretion rate during the RLOF is changed by the loss fraction of transferred stellar mass β. Firstly, we consider the β = 0 model. The result of our standard model and the result of β = 0 model are the same (Table 12, 2 and Figs. 1, 11, 19) . We use the Hurley's fitting β which is fitted by Pop I binaries for the Pop III case. We found the Hurley's fitting β is same as β = 0 in Pop III case. Fig.11 and Fig.1 are the same. This means that the RLOF of our standard model (equation 2) is the conservative mass transfer prescription.
Secondly, we consider β = 0.5 model. In this case, the mass loss during the mass transfer makes the separation wide so that the mass transfer tends to be dynamically stable. The number of the binaries which are merged during the CE phase decreases. Therefore, the number of BH-BH formation increases compared to our standard model. However, the number of merging BH-BHs decreases because the binary does not tend to be a close binary by the CE phase. The peaks of the chirp mass distributions are almost the same as in our standard model (See Fig. 12 ). While the highest mass of merging BH-BHs decreases compared with our standard model because of the mass loss during the RLOF.
Thirdly, we consider β = 1 model. In this model, the number of BH-BH formation is larger than our standard model, but it is smaller than that of β = 0.5 model. Like β = 0.5 model, the mass transfer tends to be dynamically stable. Especially, in this case, there are no paths to the CE phase via dynamically unstable mass transfer. There are only paths to the CE phase in which the secondary plunges into the primary due to the eccentric orbit or in which the each star is a giant and the binary become the contact binary due to the expanding. Thus, the number of the binaries which are merged during the CE phase decreases, so that the number of BH-BH formations increases compared with our standard model. However, the mass loss during the mass transfer is so large that some stars which can be BH by the mass accretion during the RLOF cannot be a BH but a NS. Therefore, the the number of BH-BH formations decreases compared with β = 0.5 model, but the number of NS-BH formations increases accordingly. Furthermore, since the progenitors of merging BH-BHs are hard to enter the CE phase and tend to become wide orbits due to the mass loss during the mass transfer. Thus, the number of merging BHBHs decrease. The major progenitors of merging BH-BHs do not enter the CE phase and lose their mass during the mass transfer. But, since the Pop III statr radius is small (See Fig.2 in Marigo et al. (2001) and Fig.1 in Kinugawa et al. (2014) ), the mass loss during the RLOF tends to stop right away and the separation tends to be close enough that Pop III BH-BHs can merge within 15 Gyrs. The highest mass peak region of the chirp mass distributions becomes smaller than our standard model and the highest mass of merging BH-BHs decreases due to the mass loss during the RLOF (See Fig. 13 ).
(g)Worst model
In this model, we choose the initial conditions and binary parameters which will make the worst result in (b)IMF, (c)IEF, (d)kick, (e)αλ and (f)β. Thus, we adopt (b)IMF:Salpeter, (c)IEF:e −0.5 , (d)kick 300 km s −1 , (e)αλ = 0.01 and (f)β = 1. Especially, we already know that (b)IMF, (d)kick, (e)αλ and (f)β influence the result very much so that the result of BH-BH formation and the number of merging BH-BHs are determined by these parameters and IMF. Each effect of (b)IMF:Salpeter, (d)kick 300 km s −1 , (e)αλ = 0.01 and (f)β = 1 makes the number of merging BH-BHs decrease (See Table 4 , 8 and 14) . Thus, the number of merging BHBHs extremely decreases compared with our standard model (See Tabel 2 and 15). On the properties of chirp mass distribution, the number of merging BH-BHs more massive than 30 M ⊙ decreases and the gradient of the chirp mass distribution of merging BH-BHs is much steeper than that of our standard model (See Fig. 14 (a) (b) ). The Salpeter IMF makes the number of high mass stars to decrease and non-conservative mass transfer (β = 1) prevents to merge BH-BHs while in our standard mode they can be merging BH-BHs after the CE phase. Furthermore, even though the massive binaries become the CE phase, they usually merge during the CE phase due to the very small αλ. Therefore, the peak region of the chirp mass is 25-30 M ⊙ even in 140 case. 
numbers of NS-NS, NS-BH and BH-BH binaries and the numbers of each compact binary which merges within 15
Gyrs for our standard model. 15Gyrs is used in order to compare our results with previous works. To estimate the present merger rates, we use 13.8Gyrs as the present age of the universe. The meanings of under 100, over 100 and 140 are explained in the first paragraph of §2. The numbers in the parenthesis are for the case of the conservative core-merger criterion while those without the parenthesis are for the case of the optimistic core-merger criterion. The meanings of these two criteria were explained in the last paragraph of §2 before §2.1 under100 over100 140 Pop III binary black holes and the quasi normal mode 13 The red, green, blue, pink, light blue and grey lines are the under100 case with optimistic core-merger criterion, the over100 case with optimistic core-merger criterion, the 140 case with optimistic core-merger criterion, the under100 case with conservative core-merger criterion, the over100 case with conservative coremerger criterion and the 140 case with conservative core-merger criterion, respectively. N total = 10 6 binaries. 
NS-NS
The merger rate properties of Pop III BH-BHs
In this sub-section, we show the merger rate density of each model. The merger rate density Ri(t) is calculated using results of each model and the Pop III star formation rate of de Souza, Yoshida & Ioka (2011) (See Fig. 21 and Kinugawa et al. (2014) for details) as
where i is the type of compact binaries such as NS-NS, NS-BH or BH-BH. f b is the initial binary faction. The recent cosmological hydrodynamics simulation (Susa et al. 2014) suggests that the binary fraction is about 50%. Thus, we use f b = 1/2 since the total number of the binary is half of the total number of the stars in the binary. < M > is the mean initial stellar mass of Pop III star derived from IMF and the initial mass range.
] is the Pop III star formation rate at t ′ . Ni(t − t ′ ) is the number of type i compact binaries which are formed in [t ′ , t ′ + dt] and merge at time t. N total is the total number of the simulated binaries. Fig. 22 and not show the merger rate densities [Myr −1 Mpc −3 ] of BH-BHs as a function of cosmic time (lower abscissa) and redshift z (upper abscissa) in our standard model and the worst model. It is seen that in each model the merger rate densities for the same redshift depend on neither the initial mass range ( [10,100] or [10, 140] ) nor the CE merger criterion. The other models have the same dependencies so that we do not show their figures. As a function of the redshift, the merger rate densities are nearly constant from z = 0 to z ∼ 1 in each model. Ta- ble 16 shows the merger rate density [Myr −1 Mpc −3 ] at z = 0 (t Hubble = 13.8 Gyrs) for each model. The lowest rate is as expected in worst model while the highest rate is in β = 0.5 model. Fig. 24 shows the difference of the merger rate density of each model for under100 case. Table 17 describes the peak redshift of the BH-BHs merger rate density of each model in under100 case. It is seen that the peak redshift of the BH-BHs merger rate density ranges from 8.8 to 7.15. These peak redshifts are near the peak of the star formation rate at z ∼ 9. In the following, we discuss the difference of each model. The IMF dependence of the peak redshift of the merger rate density is clear seen. Namely for the steeper IMF the peak redshift is small although the difference is not so large (∼0.45 in z). Since BH-BH progenitors whose initial mass is lower than 50 M ⊙ tend to evolve via the RLOF but not via the CE, the steeper IMF can make BH-BH progenitors to evolve via RLOFs. BH-BHs which evolved via RLOFs tend to have the wider orbit than BH-BHs which evolved via CE phases. Therefore, the typical merger time for the steeper IMF tends to be long so that the peak redshift is smaller. As for the IEF dependence, no tendency is seen while as for the natal kick velocity dependence, the peak redshift for 100 km s −1 model is smaller than our standard model, but that of the 300 km s −1 model is higher than our standard model. In the 100 km s −1 model, the kick makes the BH-BHs to eccentric orbit so that the merger time becomes smaller than that of the circular orbit. Thus, the number of the merging BH-BHs which merge at the high redshift should increase. However, the BH-BHs which cannot merge in our standard case due to wide orbit can merge due to the natal kick. Consequently, the number of the merging BH-BHs which merge The red, green, blue, pink, light blue and grey lines are the under100 case with optimistic core-merger criterion, the over100 case with optimistic core-merger criterion, the 140 case with optimistic core-merger criterion, the under100 case with conservative core-merger criterion, the over100 case with conservative coremerger criterion and the 140 case with conservative core-merger criterion, respectively.
at lower redshift tends to increase. In the 300 km s −1 model, the natal kick velocity is too large so that the binary tends to disrupt. However, if the natal kick direction is against the orbital direction, the natal kick behaves like the brake of the car or if the separation before the natal kick is very close, the binary can survive. Thus, the survived binary tends to have very close and eccentric orbit so that they can merge early. This explains the apparent strange behavior of the dependence of the peak redshift on the natal kick velocity. In the case of the CE parameter, it changes the number of survived binaries during the CE phase and the merger time of the BH-BHs. If αλ is low, i.e. the orbit energy loss via the CE phase is high, the number of survived binaries during the CE phase is small and the merger time of the BH-BHs is short. In αλ = 0.01 model, the parameter αλ is so small that the almost all binaries which enter the CE phase merge during the CE phase. Thus, merging BH-BH progenitors evolved via RLOF so that they have wide orbit. Therefore, their merger time tend to be long and the peak redshift is smaller than our standard model. In αλ = 0.1 model, αλ is small but the binaries which become the CE phase do not merge during the CE phase and they have close orbit due to small αλ. Thus, the merger time of BH-BHs is short and the peak redshift is large. In αλ = 10 model, αλ is so large that binaries after the CE phase have wide orbit due to large αλ. Thus, the merger time of BH-BHs is long and the peak redshift is small. These consideration explains the strange behavior of the peak redshift on αλ parameter.
In the case of the parameter β, it not only changes the mass accretion to the secondary but also changes the crite- rion of the dynamically unstable mass transfer. In β = 0.5 model, the mass transfer is dynamically stable so that the number of the binaries which evolve via RLOF but not via the CE phase. Thus, the typical merger time is long and the peak redshift is low. In β = 1 model, the mass transfer is always dynamically stable. Furthermore, the mass accretion to the secondary during RLOF does not occur so that the orbit becomes wide, On the other hand, binaries which have the eccentric orbit have only the CE phase. Thus, the merging BH-BHs are separated into two groups. In one group the binaries evolve via RLOF while in the other group they evolve via the CE phase due to the eccentric orbit. The former group merges at low redshift and the latter group does at high redshift. Therefore, in the β = 1 model, the merger rate density are bimodal as shown in Fig. 24 . Note that the maximum merger rate density of 3.7 × 10 −8 events yr −1 Mpc −3 from Table 16 with β = 0.5 and over100 case is consistent with the upper limit of ∼ 10 −7 events yr −1 Mpc −3 by LIGOVirgo(S6/VSR2/VSR3) (Aasi et al. 2013 ). In this section, we show how to calculate the detection rate of BH-BHs. Our Pop III population synthesis simulations produced a set of merging BH-BHs with component masses and merger time. To estimate the number of the event and the parameter decision accuracy according to the generated binary mass distribution, distances, various incident angles and orientations of the orbit plane, we employ the simple Monte-Carlo simulation. As the typical 2nd generation detectors that has a little advantage in a low frequency band in underground site, we employ KAGRA detector in our simulation. We use the detection range of Kanda & the LCGT collaboration (2011) . The official sensitivity limit of the KA-GRA 7 is suitable for the detection of both inspiral and ringdown gravitational waves from the 10-30 M ⊙ binaries. In the Monte-Carlo simulation, we placed each event at random position in the hemisphere, random direction of the binary orbit plane. The direction in the cosmological redshift and the mass are given by the Pop III binary simulation. We iterate many events for 1000 years, then, we estimate the expected detection rate for one year observation. The error of the rate is given as the square root of the number of detection in Monte-Carlo trials.
Tables 18 to 23 describe the detection rate of BH-BHs in each model. This table shows the detection rates of Pop III BH-BHs for under100 cases with the optimistic coremerger criterion. The first column shows the name of the model. The second column shows the detection rate only by the inspiral chirp signal. The third, the fourth and the fifth columns show the detection rate only by the quasi normal mode (QNM) with Kerr parameter a/M = 0.70, the detection rate by the quadrature sum of the inspiral chirp signal and the QNM with a/M = 0.70 and the detection rate by the linear sum of the inspiral chirp signal and the QNM with a/M = 0.70, respectively. The sixth, the seventh and the eighth columns show the detection rates only by the QNM with a/M = 0.98, the detection rate by the 7 http://gwcenter.icrr.u-tokyo.ac.jp/en/researcher/parameter quadrature sum of the inspiral chirp signal and the QNM with a/M = 0.98 and the detection rate by the linear sum of the inspiral chirp signal and the QNM with a/M = 0.98, respectively. When signal-to-noise ratio of event that is calculated by matched filtering equation, over threshold S/N = 8, the event is detected. The QNM S/N is calculated by Eq. B14 in Flanagan & Hughes (1998) . ǫr in this equation is the fraction of binary total mass energy radiated in the QNM. We assumed the value ǫr = 0.03. Since their equation is averaged over the GW polarization and the sky location, a factor 1/5 is multiplied by the equation. However we have to take account of angular values of binary, we replace the factor with (1 + cos 2 ι) 2 /4 · F In Zlochower & Lousto (2015) , the reasonable value of Kerr parameter a/M is about 0.7. Thus, we focus on the detection rate by the quadrature sum of the inspiral chirp signal and the QNM with a/M = 0.70. The rates of the quadrature sum of the inspiral and the QNM is about 1/2 of the rates of the linear sum of the inspiral and the QNM. In our standard model with under100 case and optimistic core-merger criterion, the detection rate by the quadrature sum of the inspiral chirp signal and the QNM is ∼1.8 ×10 2 events yr −1 (SFRp/(10 −2.5 M ⊙ yr
.33) where SFRp and f b are the peak value of the Pop III star formation rate and the binary fraction. Errsys = 1 corresponds to the rate for our standard model with under100 case and the optimistic core-merger criterion. The definition of Errsys is slightly different from that in our previous paper (Kinugawa et al. 2014) . That is, the new definition is based on Monte Carlo simulations of the detection of the inspiral chirp signal and QNM with a/M = 0.7. The basic numerical data of population synthesis of our standard model is the same. Then Tables 18-23 show that Errsys ranges from 4.6 × 10 −2 to 4 for a/M = 0.7. This means that the detection rate of the coalescing Pop III BH-BHs ranges 8.3−7.2×10 2 events yr
The minimum detection rate of the coalescing Pop III BH-BHs corresponds to the worst model which we think unlikely so that unless (SFRp/(10 −2.5 M ⊙ yr
.33) ≪ 0.1, we can expect the Pop III BH binary merger at least one event per year by the second generation gravitational wave detector. Fig. 3 of Nakano et al. (2015) shows that if the S/N of the Pop III BH-BH QNM is 50, we can check the general relativity with the significance of much more than 5 sigma level. The criterion of S/N whether the significance has more than 5 sigma is 35. Therefore, we expect the enough accuracy to discuss about the GR test with at least one event of S/N= 35. In our standard model, the detection rate of Pop III BH-BHs whose S/N is more than 35 is 3.2 events yr −1 (SFRp/(10 −2.5 M ⊙ yr
Thus, there might be a good chance to check whether the GR is correct or not in the strong gravity region. The forth and the seventh columns of Tables 24-29 show that there is a good chance to observe QNM of the merged BH since it reflects the space-time near the BH and their complex frequency does not depend on how it is excited. The detection of the expected QNM of the BH can confirm the GR in the strong gravity region. If it is different from the expected value, the true theory of gravity is different from GR.
DISCUSSION & SUMMARY
In this paper, we performed the Pop III binary population synthesis and examined the parameter dependence of Pop III binary evolutions. We examined the dependence of the results on IMF, IEF, the natal kick velocity, the CE parameters and the lose fraction of stellar mass. As for the chirp mass distribution, each model has the peak at around 30 M ⊙ . In several models, the chirp mass distribution has a tail from 30 M ⊙ to more massive region. However the robust property is that the chirp mass distribution has the peak at 30 M ⊙ . In order to compare the variability of Errsys, we refer previous researches such as ; Dominik et al. (2015) . In , they calculated the solar metal (Z = 0.02) binaries and 10% solar metal (Z = 0.002) binaries to estimate the detection rates assuming as half of the stars formed with solar metal and the other with10% solar metal. In , they calculated 20 models by varying the maximum NS mass, the natal kick velocity, rapid or delayed supernova models which change the mass spectrum of supernova remnants, wind mass loss and β. They also considered whether in the Hertzsprung gap donors always merge companion during the CE phase or not. The detection rate of their realistic Standard model in is 517.3 events yr
The detection rates of are from 14 events yr −1 to 12434.4 events yr −1 . Thus, Errsys of Belczynski et al. (2012) is from 2.7 × 10 −2 to 24. On the other hand, Dominik et al. (2015) calculated binaries whose metallicity range is from Z = 10 −4 to Z = 0.03 and estimated the detection rate using the metallicity and SFR evolution models. There are 16 models varying high-end or low-end metallicity models, whether in the Hertzsprung gap donors always merge companion during the CE phase or not, rapid or delayed supernova models, the natal kick and waveform models. The detection rate of their Standard model of high-end metallicity scenario in Dominik et al. (2015) is 306 events yr −1 The detection rate of Dominik et al. (2015) is from 8.2 events yr −1 to 3087 events yr −1 by the 3-detector network using inspiral and PhC waveform (S/N=10). Thus, Errsys of Dominik et al. (2015) is from 2.7 × 10 −2 to 10. Therefore, the variability of Errsys of Pop III is less than that of Pop I and Pop II, although the models are different. There are two reasons for this difference. Firstly, Pop III star binaries do not enter the CE phase so that the result does not depend on the treatment of the CE phase so much. Secondly, the Pop III compact binaries are more massive than the Pop I compact binary so that the Pop III binaries are hard to be disrupted by the natal kick. Therefore, the property of the chirp mass distribution and the detection rate are likely robust result. However, note that in the case of the detection rate of Pop III there are the dependence on the SFR and f b yet.
There are some uncertainties yet such as the separation distribution function and the mass ratio distribution function for which we did not alter. The former will change the number of close binaries which can have binary interactions. Therefore this effect may change the event rate, but the property of chirp mass distribution is not likely changed a lot because the binary interaction is not changed. From our Monte Calro simulations, the chirp mass distribution of Pop III BH-BHs is upward to the high mass and has a peak at ∼ 30 M ⊙ in each model. The compact objects in IC10 X-1 and NGC300 X-1 may be around 30 M⊙ and they might become coalescing massive BH-BHs whose chirp masses are 11-26 M⊙ (See Bulik et al. (2011) ). Thus, Pop I stars or Pop II stars might become coalescing massive BH-BHs. However, the observed typical mass of Pop I BH-BHs is around 10 M⊙ and massive BH like IC10 X-1 and NGC300 X-1 would be rare (See also Fig. 1 in ) so that the chirp mass distribution of Pop I BH-BHs might be flat or decreasing as a function of mass. The result of the binary population synthesis simulation for Pop I and Pop II stars by Dominik et al. (2015) also suggests that the chirp mass distribution of Pop I BH-BHs might be flat or downward to high mass (See the Fig. 7 in Dominik et al. (2015) ). Furthermore, the Pop I and Pop II BH-BH detection rate of the standard model in Dominik et al. (2015) is 306 yr −1 . The fraction of the Pop I and Pop II BH-BH whose mass is larger than 20 M ⊙ is about 25%. Thus, the detection rate of the Pop I and Pop II high mass BH-BHs is expected as about 80 yr −1 . Note that this value depends on the Errsys of Dominik et al. (2015) which is from 2.7 × 10 −2 to 10. Therefore, if the detection rate of the coalescing Pop I and Pop II high mass BH-BHs is lower than that of Pop III, we may be able to confirm the existence of Pop III star by the detection of the chirp signal and QNM to determine the chirp mass and the total mass distribution since the typical mass of Pop III BH-BH binary is much larger than those of observed Pop I BH. On the other hand, if the detection rate of the coalescing Pop I and Pop II high mass BH-BHs is higher, Pop III BH-BHs contribute only some parts of the gravitational wave events of BH-BHs. In this case, the existence of Pop III binaries will be confirmed by the investigation of the merger rate history as function of redshift by DECIGO (DECi hertz Interferometer Gravitational wave Observatory) (Seto, Kawamura & Nakamura 2001) .
As for the mass ratio distribution function, if the number of the high mass ratio (i.e. near 1) increases, the number of BH-BH probably increase. On the other hand, if the number of the low mass ratio increase, the number of BH-BH will decrease while the number of NS-BH will increase. We will check the dependence of these two initial distribution functions in future work. Development in the simulation Table 18 . under100 cases with optimistic core-merger criterion, 1000 years, S/N 8 This table shows the detection rates of Pop III BH-BHs for under100 cases with the optimistic core-merger criterion. The first column shows the name of the model. The second column shows the detection rate only by the inspiral chirp signal. The third, the fourth and the fifth columns show the detection rate only by the quasi normal mode (QNM) with Kerr parameter a/M = 0.70, the detection rate by the quadrature sum of the inspiral chirp signal and the QNM with a/M = 0.70 and the detection rate by the linear sum of the inspiral chirp signal and the QNM with a/M = 0.70, respectively. The sixth, the seventh and the eighth columns show the detection rates only by the QNM with a/M = 0.98, the detection rate by the quadrature sum of the inspiral chirp signal and the QNM with a/M = 0.98 and the detection rate by the linear sum of the inspiral chirp signal and the QNM with a/M = 0.98, respectively. When signal-to-noise ratio of event that is calculated by matched filtering equation, over threshold S/N = 8, the event is detected. All the rates are based on 1000 years Monte Carlo simulations. Table 20 . 140 cases with the optimistic core-merger criterion, 1000 years, S/N 8
The same as Table 18 but for 140 cases with the optimistic core-merger criterion 14models Table 22 . over100 cases with the conservative core-merger criterion, 1000 years, S/N 8
The same as Table 18 but for over100 cases with the conservative core-merger criterion 14models ∼ 10 −1.3 M ⊙ yr −1 Mpc −3 at z ∼ 10. The difference between the high value and the low value comes from that of the metal pollution timescale. While Yajima & Khochfar (2015) suggests that the peak value of Pop III SFR is ∼ 10 −3 M ⊙ yr −1 Mpc −3 at z ∼ 15 in order to recover the observed Thomson scattering optical depth of the cosmic microwave background. The SFR of Pop III is controversial now. However, these estimated value of the SFR tell us that except for the worst model, we might expect the detection of GW from massive Pop III BH-BH near future.
The present merger rate density which is calculated only from SFR between z=7 to z= 11 is about 50% of the whole merger rate density. Therefore SFR peak is a good parameter in our adopted model of SFR. However, there is Pop III SFR whose peak region is higher redshift than z ∼ 10 such as the models in Yajima et al. (2015) . In such a case, we have to Table 24 . under100 cases with optimistic core-merger criterion, 1000 years, S/N 35 This table shows the detection rates of Pop III BH-BHs for under100 cases with the optimistic core-merger criterion. The first column shows the name of the model. The second column shows the detection rate only by the inspiral chirp signal. The third, the fourth and the fifth columns show the detection rate only by the quasi normal mode (QNM) with Kerr parameter a/M = 0.70, the detection rate by the quadrature sum of the inspiral chirp signal and the QNM with a/M = 0.70 and the detection rate by the linear sum of the inspiral chirp signal and the QNM with a/M = 0.70, respectively. The sixth, the seventh and the eighth columns show the detection rates only by the QNM with a/M = 0.98, the detection rate by the quadrature sum of the inspiral chirp signal and the QNM with a/M = 0.98 and the detection rate by the linear sum of the inspiral chirp signal and the QNM with a/M = 0.98, respectively. When signal-to-noise ratio of event that is calculated by matched filtering equation, over threshold S/N = 35, the event is detected. All the rates are based on 1000 years Monte Carlo simulations.
14models Table 26 . 140 cases with the optimistic core-merger criterion, 1000 years, S/N 35
The same as Table 24 but for 140 cases with the optimistic core-merger criterion 14models Table 28 . over100 cases with the conservative core-merger criterion, 1000 years, S/N 35
The same as Table 24 but for over100 cases with the conservative core-merger criterion 14models
